Aims. We want to investigate how planet formation is imprinted on stellar surface composition using up-to-date stellar evolution models. Methods. We simulate the evolution of pre-main-sequence stars as a function of the efficiency of heat injection during accretion, the deuterium mass fraction, and the stellar mass, M . For simplicity, we assume that planet formation leads to the late accretion of zero-metallicity gas, diluting the surface stellar composition as a function of the mass of the stellar outer convective zone. We estimate that in the solar system, between 97 and 168 M ⊕ of condensates formed planets or were ejected from the system. We adopt 150 M ⊕ (M /M )(Z/Z ) as an uncertain but plausible estimate of the mass of heavy elements that is not accreted by stars with giant planets, including our Sun. By combining our stellar evolution models to these estimates, we evaluate the consequences of planet formation on stellar surface composition. Results. We show that after the first ∼ 0.1 Myr during which stellar structure can differ widely from the usually assumed fully convective structure, the evolution of the convective zone follows classical pre-main-sequence evolutionary tracks within a factor of two in age. We find that planet formation should lead to a scatter in stellar surface composition that is larger for high-mass stars than for low-mass stars. We predict a spread in [Fe/H] of approximately 0.05 dex for stars with a temperature of T eff ∼ 6500 K, to 0.02 dex for stars with T eff ∼ 5500 K, marginally compatible with differences in metallicities observed in some binary stars with planets. Stars with T eff ≥ 7000 K may show much larger [Fe/H] deficits, by 0.6 dex or more, in the presence of efficient planet formation, compatible with the existence of refractory-poor λ Boo stars. We also find that planet formation may explain the lack of refractory elements seen in the Sun as compared to solar twins, but only if the ice-to-rock ratio in the solar-system planets is less than ≈ 0.4 and planet formation began less than ≈ 1.3 Myr after the beginning of the formation of the Sun.
Introduction
How does planet formation affect stellar composition? Most of the gas in protoplanetary disks eventually accretes onto the host star within several million years (e.g., Haisch et al. 2001) . Materials that will eventually form planets must condense during this phase. Recent meteoritic evidence indicates that Jupiter's core should have formed rapidly, within 1 Myr (Kruijer et al. 2017) . Disk materials accreted by the star after this time must have been poor in heavy elements 1 because of the gap created by the growing giant planets (e.g., Paardekooper & Mellema 2004; Guillot et al. 2014; Morbidelli et al. 2016) . The accretion of such a diluted gas must result in a refractory-poor composition of the stellar surface. Hereafter, we refer to this mechanism as dilution. On the other hand, even after disk dispersal, the formation of planets can lead to the ingestion by the central star of planetesimals or even possibly planets, therefore yielding an increase in its metallicity (e.g., Spina et al. 2014b; Tognelli et al. 2016 ). Hereafter we refer to this mechanism as pollution.
In solar-type stars, an outer convective zone is present and rapidly mixes the stellar surface. The process is extremely fast (∼years) compared to evolution timescales and can be considered as instantaneous. The magnitude of the dilution depends both on the amount of heavy elements retained to form planets and on the extent of the outer convective zone of the star. Figure 1 illustrates how planet formation may affect stellar surface composition and shows the model that we consider in this article. The star first accretes gas with a composition that is equal to that of the molecular cloud core (mass fraction of heavy elements Z ini ). When planetesimals begin to form, refractorypoor (< Z ini ) gas is accreted. Accretion of planetesimals and planets then proceeds mostly later when the star is fully formed and the gas disk has dispersed. The crucial quantities involved are (i) M disk (t), the mass of the disk as a function of time t, (ii) M CZ (t), the mass of the outer convective zone, and (iii) t p the (t) . After a time t p , planet formation removes refractory elements from the accreting gas flow, leading to a dilution of the stellar surface. At this point, the mass in the gas disk (to be eventually accreted by the star) is ∆M 0 ≡ M disk (t p ). Later, after disk dispersal, the accretion of rocky objects (e.g., planetesimals) can potentially increase the stellar metallicity (pollution).
time at which planetesimals begin to form. In addition we define ∆M 0 as the mass of the disk at time t p . Circumstellar disks are short-lived, a few to 10 Myr at most (e.g., Mamajek 2009 ). This implies that the dilution mechanism takes place while the central star is still on the pre-mainsequence (pre-MS) phase (for stars < ∼ 1.5 M ). Contrary to what happens later on the main sequence (MS), on the early pre-MS, even relatively massive stars (say, 1.6 M ) possess a relatively thick outer convective zone. This convective zone shrinks with age but on a timescale of a few to tens of millions of years. In the classical picture, a 1 M star at 10 Myr still has M CZ ≈ 0.4 M (see, e.g., Iben 1965; D'Antona & Mazzitelli 1994; Stahler & Palla 2005 ). However, pre-MS evolution has recently been revisited (Baraffe et al. 2009 (Baraffe et al. , 2012 (Baraffe et al. , 2017 Hosokawa et al. 2011; Vorobyov et al. 2017 ) and found to be more complex than previously thought: in particular, it appears to be sensitive to the entropy of the gas accreted by the star. Baraffe & Chabrier (2010) and Tognelli et al. (2015) showed that in this case, the evolution of the stellar internal structure may be significantly different from the classical picture (see Sect. 3.6) .
In Kunitomo et al. (2017, hereafter Paper I), we found that the pre-MS evolution is also sensitive to the deuterium abundance, in particular in the low-entropy accretion cases (see also Stahler 1988; Hosokawa & Omukai 2009; Tognelli et al. 2015) . Moreover we constrained possible accretion scenarios from the comparison with effective temperature-luminosity relations in young clusters, and showed that significant departures from the classical evolution scenario (a heat accretion efficiency of 10% or less, see Sect. 3.4) should be rare.
In this article, we investigate the internal structure evolution of pre-MS stars under a variety of settings and evaluate the consequences of planet formation on stellar surface composition. We compare our predictions with some observations potentially linked to the dilution and pollution mechanisms: the trends in stellar metallicity versus effective temperatures in the Hyades cluster (Takeda et al. 2013 (Takeda et al. , 2017 , the metal-poor surface compositions of λ Boo stars (Kama et al. 2015; Murphy & Paunzen 2017) , the chemical inhomogeneity in some binary systems, and the lack of refractory materials measured in our Sun when compared to solar twins (e.g., Meléndez et al. 2009; Ramírez et al. 2009; Chambers 2010) . This paper is organized as follows. In Sect. 2, we describe the astrophysical background including the evolution of the metallicity of accreting materials. In Sect. 3, we provide a brief summary of our physical model and of the computation methods. Using our up-to-date stellar evolution models, we explore the consequences of planet formation on stellar surface composition in Sect. 4. In Sect. 5, we discuss the limits within which the dilution mechanism may explain the anomaly in the solar surface composition compared to solar twins. The results are summarized in Sect. 6.
Planet formation and accretion onto stars
Stars are formed by the gravitational collapse of molecular cloud cores. Due to angular momentum conservation, the contraction of the core results in the formation of both a central stellar seed and a circumstellar disk. The stellar seed accretes mass through the disk in which planets are formed.
Planetesimal and planet formation however is not granted. Grains formed in disks (pebbles) tend to rapidly migrate inward to be accreted by the central star (e.g., Adachi et al. 1976; Weidenschilling 1977; Nakagawa et al. 1986; Takeuchi & Lin 2002) . We observe nevertheless that most stars host Earth-mass planets, but few of them, of the order of 14%, host giant planets (Mayor et al. 2011 ). Theoretical models indeed indicate that giant planet formation requires special conditions and is therefore relatively rare (Ida & Lin 2008) . The presence of four giant planets in our solar system appears to be a rare case.
As soon as a proto-giant planet of ∼ 20 M ⊕ appears, it carves a gap in the disk (Paardekooper & Mellema 2004; Duffell & MacFadyen 2013; Kanagawa et al. 2015) , separating the disk in two and leading to the retention of the migrating grains (Kobayashi et al. 2012; Guillot et al. 2014; Morbidelli et al. 2016; Taki et al. 2016) . It is therefore highly probable that the presence of at least four giant planets in our solar system led to the retention of significantly more refractory material into planets than for the majority of stars.
On this basis, we assume that, in Sect. 5, ∼ 90% of the other solar twins retained, on average, much less refractories into planets than our Sun (Ramírez et al. 2009 , see also Sect. 5.1).
We hereafter first evaluate the mass of condensates that must be retained in planetary objects in the early solar system.
Total condensates in the early solar system
The condensates consist of currently existing objects ( 59-102 M ⊕ ) and ejected or otherwise missing objects ( 38-66 M ⊕ ).
First, we can account for the following mass of condensates (heavy elements) in our solar system except the Sun: -2.01 M ⊕ rocks in the four terrestrial planets (Lang 1992) , -5 × 10 −4 M ⊕ condensates in the asteroid belt (Lang 1992) , -10-40 M ⊕ in Jupiter (Guillot 2005; Miguel et al. 2016; Wahl et al. 2017) , Table 1 . Planetesimal mass in M ⊕ lost when Uranus and Neptune formed in the simulations by Izidoro et al. (2015) .
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Notes. The remaining mass must be used to form Uranus and Neptune (25.5-28 M ⊕ in heavy elements) and the inner Oort cloud objects, like perhaps planet 9.
-20-30 M ⊕ in Saturn (Guillot 2005; Helled & Guillot 2013) , -12-13 M ⊕ in Uranus and 13.5-15 M ⊕ in Neptune (estimated from Nettelmann et al. 2013 ), -0.2-0.3 M ⊕ in the Edgeworth-Kuiper belt and scattered disk (Gomes et al. 2008) , and -1-1.5 M ⊕ in the Oort cloud (Kaib & Quinn 2008; Brasser & Morbidelli 2013 ). This number is essentially based on comets coming from the outer Oort cloud, where orbits may be perturbed by neighboring stars. The inner Oort cloud may hide some larger objects, like Planet 9 (Batygin & Brown 2016) . We account for these below, when including calculations of planetesimals and planets ejected (or, in this case, nearly-ejected) from the solar system.
The total condensate mass is therefore between 58.7 and 101.8 M ⊕ . Next, we evaluate the mass of missing objects from the asteroid belt, the Kuiper belt, and the region around Uranus and Neptune. O'Brien et al. (2007) estimate that the primordial asteroid belt has an initial mass of ∼ 2 M ⊕ . Of these however, about one forth are embryos that end up accreted by planets. This means that about 1.5 M ⊕ of asteroid belt material was ejected from the solar system. The structure of the Kuiper belt and the eccentricities of the giant planets lead (within the Nice model) to a requirement of about 35 M ⊕ present in the outer solar system -after the giant planets had formed (Tsiganis et al. 2005) . Of this 35 M ⊕ , only about 0.3 M ⊕ is accreted by the fully formed giant planets (Matter et al. 2009 ). We therefore assume that 35 M ⊕ of planetesimals in the Jupiter-Saturn region was ejected. Subsequently, when Uranus and Neptune formed, the region must have contained a considerable mass of planetesimals and protoplanets. Izidoro et al. (2015) ran simulations with initially 30 and 60 M ⊕ in embryos, in addition to the fully-formed Jupiter and Saturn. The results of his simulations (Izidoro et al. 2015 , Izidoro, private communication 2017 are summarized in Table 1 . They indicate that between 1.7 and 29.5 M ⊕ of planetesimals was ejected or implanted in the inner Oort cloud, and that the Sun was hit by 0 to 1 M ⊕ of planetesimals. In total, we therefore estimate the total mass of condensates (rocks and ices) ejected from the solar system to lie between 38 and 66 M ⊕ .
As a result, about 97 to 168 M ⊕ was extracted from the protosolar disk to form planets and about 1 M ⊕ may have been implanted into the Sun during the MS phase. Hereafter we refer to the total mass of condensates accreted into planets or ejected as M Z,p . We adopt M Z,p = 150 M ⊕ in the early solar system.
The total mass of material accreted by the star after planet formation has begun (t > t p , see Fig. 1 ), ∆M 0 , can therefore be estimated to be at least M Z,p /Z ini , where Z ini is the primordial metallicity of the molecular cloud core. In the simple scenario in which the star accretes Z = 0 gas after t p (see Sect. 3.7 hereafter), ∆M 0 = M Z,p /Z ini . As we see below (e.g., Fig. 7 ), changes in metallicity by the dilution effect are only of the order of 5%, meaning that we can safely assume that Z ini ≈ Z . Given that Z = 0.015 in the solar system ), ∆M 0, = 150 M ⊕ /0.015 0.03 M .
Total condensates in extrasolar systems
Higher-mass (> 1 M ) stars seem to harbor more massive planetary systems (e.g., Lovis & Mayor 2007; Johnson et al. 2010; Omiya et al. 2012; Bonfils et al. 2013) . We therefore extend the relation to stars with different masses and metallicities by scaling M Z,p linearly with them; that is, we assume that
We note that since a relatively small fraction of stars harbor giant planets, this is our limiting case for stars that succeeded in forming multiple giant planets. The other limiting case is when no planets form, in which case we consider that ∆M 0 = 0.
An estimate of pollution effects in exoplanetary systems may be obtained through the analysis of the compositional anomalies in the > ∼ 25% of white dwarfs. Mustill et al. (2018) found that the destabilization of planetary systems results in an accretion rate of planetesimals of about ∼ 10 −4 M ⊕ /Myr given that the belt mass is ∼ 1 M ⊕ .
Consequences of accretion onto MS stars
Before using a more realistic approach, let us first examine the consequences of either the accretion of rocky planetesimals (i.e., the metallicity of accreting materials Z = 1) or the accretion of 0.03 M of Z = 0 gas onto 0.5-1.5 M MS stars. While the former may be viewed as a possibility, the latter is not realistic, the gas disk lifetime (∼ 3 Myr) being much shorter than the time to reach the MS (∼ 30 Myr). However, this assumption has been used in the literature, and it is instructive to consider its consequences. We note that the internal structure of MS stars is not affected by formation history as we show below.
Changes in stellar surface composition Z surf because of accretion are evaluated from the simple relation
where Z acc and ∆M acc are the metallicity and mass of the accreting materials, respectively. First, let us evaluate the pollution of the stellar surface due to the accretion of planetesimals or planets. In this case, it is important to note that any positive difference between the metallicity of the CZ and that of the deeper radiative zone will be rapidly erased by fingering (i.e., Rayleigh-Taylor) instabilities (Vauclair 2004; Garaud 2011) , on a timescale estimated to be of the order of 10 to 100 Myr (Théado & Vauclair 2012) .
We consider two cases with the 100 Myr timescale of the thermohaline convection: a recent (< 100 Myr) accretion of 1 M ⊕ of planetesimals or planets (similar to the solar case), or the steady accretion of 10 −4 M ⊕ /Myr (see Sect. 2.2) for an interval of 100 Myr. The latter case is equivalent to assuming ∆M acc = 0.01 M ⊕ and Z acc = 1 in Eq. (1).
The resulting changes in stellar composition for these two cases are shown in Fig. 2 for MS stars. They are negligibly small for stars with masses lower than 1.2 M but become significant for higher-mass stars because of their thin outer CZ. However, even for the high-mass stars, the observed pollution effect in the CZ is likely to be significantly reduced compared to the estimates of Fig. 2 accounted for in our analysis: 1) Given the thermohaline convection, the pollution events should be observed less than 10 to 100 Myr after their occurrence, and/or 2) the CZ is becoming so thin that even relatively small (∼ 10 km) planetesimals may dissolve into the deeper radiative zone (below the CZ). In both cases a fraction of the accreted rocky materials reaches the radiative zone and the enrichment of heavy elements in the CZ becomes smaller. Let us now turn to the (unrealistic) case of the accretion of 0.03 M metal-free gas onto MS stars. The final metallicity would be affected as a function of the mass of the convective zone, that is, Z surf /Z ini = M CZ /(M CZ + 0.03 M ). This implies that, using that approach, the retention of solids into planets would have changed the Sun's metallicity by half. Since this corresponds to a reduction of the CZ metallicity, this effect would not have been affected by fingering instabilities. Of course, this situation is not realistic: we must consider that the accretion of low-metallicity gas occurs when stars are on the pre-MS. This corresponds to a phase during which they have considerably larger convective zones, therefore greatly suppressing the dilution effect.
Stellar evolution with accretion
In this section we describe how we model stellar evolution in the presence of accretion, and in particular how we account for a variable composition of the accreted gas. The method used is the same as Paper I, but with some differences in the assumed accretion history, input physics, and in the temporal evolution of accreting materials' metallicity as described hereafter.
Computation method
We use the one-dimensional stellar evolution code MESA version 6596 (Paxton et al. 2011 (Paxton et al. , 2013 (Paxton et al. , 2015 . Although we give a brief summary of the method below, we refer to the Paxton et al. papers and Paper I for full details of the computational method.
We calculate the protostellar 2 , pre-MS and MS evolutions from a 0.01 M , 1.5 R seed including mass accretion. Therefore, in this article the initial time (i.e., t = 0) corresponds to the formation of a second Larson's core. Although the initial entropy is important for the evolution of very-low-mass stars (see Hosokawa et al. 2011 , Paper I), we fix the initial condition, because we focus on stars more massive than 0.5 M . We stop calculations when the time reaches 10 Gyr or a star leaves its MS (its radius R > 8 R ), whichever occurs first.
Accretion flow injects not only materials but also entropy into a star. Recent theoretical studies have shown that pre-MS evolution depends on the entropy of the accretion flow (see Hartmann et al. 1997; Baraffe et al. 2009 Baraffe et al. , 2012 Baraffe et al. , 2017 Hosokawa et al. 2011; Vorobyov et al. 2017; Jensen & Haugbølle 2018) . We model the injected heat by the accretion per unit time, L add , as a part of the gravitational energy of the accreting materials. As in Paper I, we introduce ξ, the fraction of accretion energy that is given to the star, such that
whereṀ is the mass accretion rate and G the gravitational constant. We assume a steady ξ throughout the accretion for simplicity (see however Baraffe et al. 2012) . The rest of the gravitational energy, (1 − ξ) GM Ṁ /R , is assumed to be lost by radiation before the materials accrete onto the star. In Paper I, we found that both the protostellar and the pre-MS evolutions depend on how the accretion heat is distributed in the star. We adopt the following two models of the heat distribution. Our fiducial setting is to assume a uniform distribution in the entire star. Therefore, in this case the energy deposited in the star per unit mass and time is ε add = L add /M . We also consider the case of a non-uniform heat distribution, for which we introduce a dimensionless parameter, m ke defined such that the accretion heat is distributed only in the surface region that contains an amount of mass m ke M , and ε add increases linearly towards the stellar surface (see Eq. 3 of Paper I). In the present article we show only one example of non-uniform heat distribution with m ke = 0.1.
Mass accretion rate
In Paper I, we adopted a steady accretion of gas withṀ = 10 −5 M /yr for simplicity. When studying the consequences of planet formation on the stellar surface composition, the important phases are after a few million years when the disk accretion is reduced, implying that it is important to use an accretion history that includes the decay in gas accretion rate with time. Following the observations in Hartmann et al. (1998) , we adopt the function of mass accretion rate with time shown in Fig. 3 : it is large and steady during the class I phase (Ṁ = 10 −5 M /yr (M final /M ) until ≈ 3 × 10 4 yrs), whereas in the late phase it drops with time, t, asṀ ∝ t −3/2 . The accretion rate is proportional to the final mass, M final , and therefore the accretion stops at 10 7 yr for all cases, which corresponds to the upper limit of disk lifetimes, t disk (see Haisch et al. 2001; Hernández et al. 2007; Mamajek 2009; Fedele et al. 2010; Ribas et al. 2014 ). For simplicity, we choose not to consider a correlation between stellar mass and the disk lifetime (see, however, Hillenbrand et al. 1992; Hernández et al. 2005; Yasui et al. 2014; Ribas et al. 2015) , and we do not include mass loss (see however Wood et al. 2005; Suzuki et al. 2013) . The influence of varying the accretion history is described in Appendix B.
Element diffusion
Stellar composition evolves with time due to the following effects: thermonuclear reactions, convective mixing, accretion, element diffusion, and mass loss. We include the first three in this article and neglect the others. We adopt the Ledoux criterion for the convective stability. Element diffusion (also referred to as microscopic diffusion or atomic diffusion) is thought to change surface compositions on long timescales (∼ 1 Gyr). In general, it includes the effects of gravitational settling, and radiative levitation (see, e.g., Chaboyer et al. 2001; Morel & Thévenin 2002; Dotter et al. 2017) . For this work, we neglect any element diffusion process and other extra-mixing processes in radiative zones. This is because considering element diffusion with the standard MESA packages leads to a settling of heavy elements in MS high-mass stars which is incompatible with observations. Extra-mixing processes must prevent, at least partially, this settling. A proper consideration of diffusion (especially for stars beyond 1.2 M ) would be extremely valuable, but since its efficiency is still a matter of debate (see Salaris & Cassisi 2017) , this is beyond the scope of this work. We note that diffusion and gravitational settling are thought to occur on ∼ Gyr timescales, meaning that the results presented here should apply for pre-MS and early MS stars. For older stars we expect results to change quantitatively but not qualitatively.
It should also be noted that our calculations do not include the effect of the fingering (thermohaline) convection (see Sect. 2.3). However, in cases where the surface metallicity is found to be larger than the interior metallicity, the expectation is simply that the star should rapidly homogenize so that its metallicity is uniform.
Constraints on heat injection from Paper I
We constrained the heat injection parameter, ξ, in Paper I from the comparison of evolutionary tracks with observations of young clusters in the Hertzsprung-Russell (H-R) diagram. We found that most stars would have been formed with ξ > ∼ 0.1 if the mass fraction of deuterium (i.e., deuterium abundance) X D were found to be equal to 20 ppm in the clusters (Hébrard et al. 2005 ; Linsky et al. 2006; Prantzos 2007) . Although this constraint depends on the uncertain deuterium abundances in the young clusters, we assume they are not very different from 20 ppm and we adopt the constraint ξ > ∼ 0.1 in this article.
This constraint also appears to match the "hot" or "hybrid" accretion scenario favored by Vorobyov et al. (2017) on the basis of the peak luminosities of FU-Orionis outbursts. We however show hereafter the ξ = 0 cases to show the global trends with ξ.
Although Paper I included element diffusion and used a different accretion history (namely, steady accretion), the constraints obtained in that article still apply: the thermal evolutions of pre-MS and MS stars in the H-R diagram are not sensitive to accretion history (see Hosokawa et al. 2011 , Paper I) and element diffusion.
Input parameters
We use the following seven parameters in the stellar evolution calculations (with fiducial values in parenthesis): ξ(0.1), m ke (uniform), X D (28 ppm), M final (1 M ), accretion history (t disk = 10 Myr), Z ini (0.01966 ≡ Z ), and initial condition (0.01 M , 1.5 R ). Another parameter is the mass of zero-(or low-) metallicity gas accreted in the final stages of stellar accretion: ∆M 0 (0.03 M final ) (see Sect. 2.2).
As described in the previous section, we set our fiducial ξ value to 0.1 with uniform heat distribution. We explore different heat injection hypotheses by varying ξ and m ke in Sect. 3.6. We found in Paper I that the protostellar evolution depends on X D . Since we focus on relatively old ( > ∼ 1 Gyr) MS stars including the Sun, we set our fiducial X D to the protosolar nebula value, 28 ppm (the observational uncertainty is ±2.8 ppm, Asplund et al. 2009 ), rather than the present-day local ISM value, 20 ppm. We also explore solutions with X D varying from 0 to 40 ppm. Deuterium abundance (X D ) in the accreting materials is kept constant throughout the whole accretion phase.
We use the parameters of composition and convection listed in Table 2 done the test and obtained the results listed in the table. We note that the different input parameters in the table do not significantly affect the evolution of pre-MS and MS stars except for Z ini , which is discussed in Appendix B.
3.6. Protostellar and pre-MS evolution of stellar internal structure
As a first step, we discuss the results of accreting stellar models adopting different input settings, namely by changing the heat injection parameter (i.e., ξ and m ke ), the mass fraction of abundance X D and the final mass of stars M final . We emphasize that in this subsection we do not consider the effect of planet formation and therefore the composition of accreting materials are kept constant throughout the accretion, unlike the following sections. Figure 4 shows the consequences of varying the heat injection parameter between ξ = 0 and 0.5 for 1 M stars. The qualitative behaviors are the same: in an initial phase of less than 10 5 yrs in which the star has accreted less than half of its final mass, the interior is largely convective but radiative regions can exist, depending on how the accretion takes place (i.e., depending on the parameters ξ and m ke ). After that, the star becomes (almost) entirely convective until after 10 6 yrs or so (for classical and ξ ≥ 0.1 models), when a radiative core develops and grows. We note that ξ = 0 is a special case, because the star is so compact that it starts fully convective and the radiative zone appears and grows before 10 5 years, much earlier than for ξ ∼ > 0.1. The timing therefore strongly depends on the value of ξ (see also Baraffe & Chabrier 2010) . For example, the time when a stable radiative core forms is 1.8, 2.2, 0.9, and 0.05 Myr and the time at which M CZ = 0.1 M is 24, 24, 22 and 10 Myr for a nonaccreting case, ξ = 0.5, ξ = 0.1 and ξ = 0, respectively.
The underlying physics of the protostellar and pre-MS evolution of stellar internal structure responsible for the evolution in Fig. 4 is discussed in Appendix A. In short, the stellar internal structure is controlled by three effects: heat injection by accretion, opacity, and delivery of fresh deuterium in the stellar interior. Figure 5 shows the evolution of the location of the radiative/convective interface for different X D values ranging from 0 to 40 ppm (the cosmic primordial value) with ξ = 0.1. The protosolar value is 28 ppm and the value for the current local interstellar medium is ≈ 20 ppm. Although variations of ξ have a quantitatively larger impact, variations in X D also affect the internal structure evolution: the stars with a lower X D develop a radiative core more rapidly. This is because such stars have a smaller radius (see Fig. 3 of Paper I), a higher temperature (T ∝ M /R from the virial theorem), and then a smaller opacity (κ ∝ T −3.5 , using Kramers' law).
The importance of the choice of deuterium abundance is illustrated by the fact that for cold accretion (ξ = 0), if X D = 20 ppm, M CZ = 0.1 M only after a few million years (see also Fig. 4 of Baraffe & Chabrier 2010) , while for X D = 28 ppm, reaching this point takes 22 Myr (see Fig. 4c ). Figure 6a shows how the convective zone mass changes as a function of age and for a range of final masses M final = 0.5-1.5 M . We note thatṀ ∝ M final and then the accretion stops at 10 7 yrs in all cases (see Sect. 3.7). More massive stars have a thinner surface CZ because a larger mass corresponds to a hotter interior. Figure 6b shows the temporal evolution of M CZ as a function of stellar mass from 10 7 to 3 × 10 9 yrs. The lower-mass stars have a longer timescale for the shrinkage of the surface CZ due to a longer Kelvin-Helmholtz (K-H) timescale. 
Composition of accreting materials
The accretion of condensates (i.e., heavy elements), and therefore the evolution of the metallicity of the gas accreted by the star, Z acc , is controlled by the growth of dust grains and the gas drag by the disk which cause them to quickly drift towards the star (see, e.g., Garaud 2007) , and, when planetesimals and protoplanets form, by their filtering by these larger bodies (Guillot et al. 2014 ). In the early phase, before grains have the time to grow, we expect the star to accrete material that has the composition of the molecular cloud core, Z ini . When grains grow but few large non-drifting planetesimals have been formed, we expect Z acc to increase (Garaud 2007; Tsukamoto et al. 2017) . When planetesimals and planets form, Z acc should decrease, and eventually become very small when large-enough protoplanets (say from a few to a few tens of Earth masses) form and filter any incoming dust (Guillot et al. 2014; Morbidelli et al. 2016) . A large variety of scenarios may therefore be considered. We choose a very simple scenario that appears to best capture the essence of the problem: in the early phase Z acc (t < t p ) = Z ini , and then when large-enough planets have formed, Z acc (t ≥ t p ) = 0. (In Sect. 5, we also consider the cases in which
One could of course argue that in the no-planet case, grains could be lost rapidly, leaving a tail of low-metallicity accretion that could mimic the case with planets. This is what happens for example in the model by Garaud (2007) and other similar graingrowth and drift models. However, on one hand, this efficient loss of grains onto the central star is incompatible with observations (see Dullemond & Dominik 2005; Takeuchi & Lin 2005; Brauer et al. 2007 ); on the other hand, for systems with planets, the additional reduction in metallicity is probably much larger.
One may also ask why, with our simple model, we do not consider the possibility of this initial increase in metallicity. While this may be of interest for some applications, this increase in metallicity is likely to be erased rapidly for two reasons: (1) because it occurs relatively early, when the protostar is still largely convective, and (2) because even in the case of the radiative region, as discussed previously, the top-heavy situation is likely to be unstable to double-diffusive instabilities.
Of course, our approximation that the metallicity is constant until it becomes zero is extreme and will lead to an overestimate of the magnitude of the effect of planet formation on stellar composition. In view of the other approximations, in particular on the assumed mass that is taken by planets, we believe that this is minor. Our scenario is to be considered as a guide to estimate the magnitude of the effects of planet formation rather than the basis of a quantitative, predictive model.
Stellar surface metallicity calculation
Finally, we describe how we calculate temporal evolution of Z surf . Ideally, by performing stellar evolution calculations in which Z acc changes with time ("full simulation"), we can obtain accurate solutions for the evolution of Z surf . The full simulation takes time, however. Instead, here we solve the Z surf evolution in the following way ("approximate solution"): first we perform a stellar evolution calculation with a constant Z acc = Z ini . Using the temporal evolution of M CZ and the accreted mass in each time step, δM(t i ), we can estimate the evolution of Z surf with a given evolutionary model of Z acc as 
Surface metallicity, where t i is the time at i-th step. Our post-processing method is fast and therefore enables us to simulate a large variety of accreting models.
We note that in the full simulation models, the decrease in the metallicity Z acc (due to the planet formation) is compensated for by an increase in the mass fraction of 1 H and 4 He in the accreting materials. We recall that X i = 1, where X i is the mass fraction of each element i in mass. Therefore, we redistribute the missing metallicity ∆Z by adding 0.7∆Z to X1 H and 0.3∆Z to X4 He .
Let us verify the approximate solution. Figure 7 shows the comparison between the evolutions of Z surf using the full simulation and the approximate solution. We adopt M final = 1 M and the fiducial settings (i.e., the evolution of Z acc described in Sect. 3.2, ξ = 0.1 with the uniform heat distribution, and X D = 28 ppm). We find that the two are almost the same: in both cases Z surf is decreased by ≈ 5 % due to the metal-free gas accretion in the late phases. This fact validates the approximate solution and therefore we use it in Sect. 4.
We note that log(Z surf /Z ini ) and ∆[Fe/H] are related through the relation
Differences between these two quantities can be neglected since | log(X surf /X ini )| < 0.03 even in the cases where log(Z surf /Z ini ) = ±0.6. In this work we use log(Z surf /Z ini ) and ∆[Fe/H] interchangeably.
Stellar composition anomalies resulting from planet formation
In this section we investigate the consequences of planet formation on the stellar surface composition using the results in Sect. 3.6. We then compare our predictions to the observations of the Hyades cluster and the λ Boo stars.
Dilution of stellar surface composition
We use our "approximate solution" to calculate the evolution of the stellar surface metallicity Z surf resulting from the ingestion of metal-free materials (Sect. 3.7). Figure 8a shows the value of Z surf for stars in their MS phase and with M final = 0.5-1.5 M , ξ = 0-0.5 and X D = 20 and 28 ppm. (For simplicity, from this section onward, we present only results obtained with a uniform heat distribution.) We note that because we do not include element diffusion, once on the MS, Z surf is constant with time. The magnitude of the change in Z surf due to planet formation depends on the three parameters M final , ξ, and X D . The resultant Z surf is lower with a higher M final , a lower ξ (which is predominant) and a lower X D . This is because the M CZ evolution is a function of the three parameters, as shown in Figs. 4-6: in the late accretion phase, higher-mass stars formed with lower ξ and X D have a thinner CZ. In that case, for the same amount of condensates retained into planets, the stellar surface composition is affected more significantly. Since the mass is not generally available as observable, we show Z surf as a function of the stellar effective temperature, T eff , in Fig. 8b in the cases with ξ = 0.1 and X D = 28 ppm. Although Z surf is constant with time after the accretion phase, the Z surf -T eff relation evolves with time because of the evolution of T eff on the pre-MS.
The solid lines in Fig. 9 show the consequences of the dilution on Z surf with ξ = 0.5, 0.1 and 0 and X D = 28 ppm in the T eff -∆[Fe/H] diagram. We find that changes in Z surf due to planet formation are small in the (standard) ξ = 0.5 case. However, for cold accretion (ξ = 0.1 and 0), stars with effective temperatures above 6000 to 7000 K can show an important reduction in their metallicity due to dilution.
As described in Sect. 2.1, here we adopt a 0.03 M final zerometal accretion as a planet formation model, corresponding to an upper limit in the planetary systems with giant planets. If there is variability in planet formation, a scatter in log(Z surf /Z ini ) should be created between 0 (i.e., no planet formation) and the solid line in Fig. 9 (see also Table 3 ). For example, in our fiducial setting (i.e., ξ = 0.1 and X D = 28 ppm), we predict a maximal spread of [Fe/H] of 0.1 dex at around T eff = 6800 K in a cluster. On the other hand, for lower T eff ( < ∼ 6000 K), a much smaller scatter (< 0.03 dex) can be created by the dilution. Figure 9 also shows the consequences of the engulfment of heavy elements onto MS stars (i.e., the pollution effect) assuming that ∆M acc = 1 or 0.01 M ⊕ and Z acc = 1 in Eq. (1). We consider that the stars experienced metal-free accretion during their pre-MS phase, meaning that their surface composition was diluted before they began being impacted by planetesimals.
Pollution by planetesimal engulfment during the MS
We find that for high-mass stars ( > ∼ 6500 K), the engulfment of heavy elements can increase Z surf significantly ( > ∼ 0.1 dex). In the ξ > ∼ 0.1 cases, even if Z surf is much lower than Z ini due to the dilution during the pre-MS phase, the engulfment can completely overcome the initial decrease in Z surf due to the dilution effect. In the ξ = 0 cases, however, planetesimal engulfment cannot compensate for the strong dilution.
We note that because of fingering (thermohaline) convection (Vauclair 2004; Garaud 2011; Théado & Vauclair 2012; Deal et al. 2015) , we expect any increase in Z surf above its initial value Z ini to be quickly erased (see Sect. 2.3). Furthermore, although the effect of gravitational settling is still a matter of debate and is not included in this article, it has the potential to change the stellar surface metallicity with a long timescale (∼ 1 Gyr).
There is however a case in which we may be observing the signature of pollution. In the pre-MS cluster γ Vel, the star "2MASS J08095427-4721419" is more metal-rich compared to other members by ∆[Fe/H] ≈ 0.13 dex (Spina et al. 2014b) . Since the cluster is young (∼ 15 Myr), fingering convection may not have had time to erase any pollution effect. It is interesting to note that orbital instabilities in planetary systems are expected to generally occur soon (with ∼ 10 Myr or so) after disk dispersal (see Iwasaki et al. 2001; Kominami & Ida 2002) . Given this scenario, pre-MS stars could potentially have increased metallicities due to a recent pollution event. On the other hand, such events would in most cases be ancient in MS stars meaning that their signatures would have been erased by fingering convection.
Comparison with observations of the Hyades cluster
In Fig. 9 , we compare our predictions with observations of the Hyades cluster. We assume that cool stars in the sample (with [Fe/H] ∼ 0.25) are representative of the primordial, non-diluted metallicity and the primordial composition of the cluster members were uniform. We therefore plot ∆[Fe/H] = [Fe/H] − 0.25 as a function of effective temperature. Given our assumptions, we note that the results for the dilution scenario as plotted here are insensitive to the assumed metallicity (see Appendix B). The observed data from Takeda et al. (2013) show a trend in the T eff -[Fe/H] plane: hotter stars have a lower metallicity (∼ 0.3 dex over 2000 K from 5000 to 7000 K) with a significant (up to 0.4 dex) scatter. First we stress that it is difficult to precisely determine the metallicity of rapid-rotating hot stars and therefore this T eff -[Fe/H] trend may be created by uncertainties in atmospheric models (see Takeda et al. 2013) . We however want to explore the possibility that the trend and/or the scatter are caused by planet formation.
First let us focus on the Z surf -T eff trend. As described in Sect. 4.1, we find that Z surf of hot stars drops at a certain temperature as a consequence of the dilution (i.e., accretion of metal-free gas due to planet formation). This feature matches the observed trend qualitatively. However, Figs. 9a-c show that except in the extreme and unrealistic ξ = 0 case, planet formation cannot lead to a slope that matches the observed one. We conclude that the planet formation scenario that we are proposing cannot explain the Z surf − T eff trend seen in the Hyades. Let us now examine whether or not planet formation could affect the scatter in Z surf -T eff and take precedence over another unidentified process. As described previously (see Sect. 4.1), we expect planet formation to vary from star to star therefore creating a natural scatter of Z surf in a cluster. Again, for the expected values ξ > ∼ 0.1 (see Sect. 3.4), the scatter (which indeed is expected to increase with effective temperature) is much smaller than the observed one (see Table 3 ). In the extreme case of ξ = 0 (Fig. 9d) , the scatter can be ∼ 0.2 dex at 6000 K and even several dex in T eff > ∼ 6500 K and therefore most stars are enclosed by the solid line (i.e., the lower limit of Z surf by the dilution) and 0 (i.e., no planet formation). However, the stars formed with ξ < 0.1 must be rare (see Paper I), and therefore this does not appear to be a viable explanation.
From the considerations above, we conclude that neither the dilution nor the pollution can explain the slope or the scatter of Z surf of the Hyades cluster.
Recently Takeda et al. (2017) reported that the stars in the 0.1-Gyr-old Pleades cluster have a homogeneous [Fe/H] unlike in the 0.6-Gyr-old Hyades cluster. Moreover, the iron abundances of stars are homogeneous in the Chamaeleon I starforming region and the pre-MS cluster γ Velorum (Spina et al. 2014a,b) . The fact that the metallicity trend is seen only in the older cluster may point to the importance of the element diffusion, which occurs on a long timescale.
Implications for chemically inhomogeneous binary systems
Binary stars are probably formed from the same molecular cloud core and have the same primordial composition. This is generally the case, but some show differences in metallicity. We focus here on systems in which planets or signs of planet formation have been found to test the validity of our simple planetformation scenario. Table 4 summarizes the observations obtained for seven systems and whether they are consistent or inconsistent with our dilution scenario. In three cases, the observed metallicity difference is consistent with the predictions and the idea that efficient (giant) planet formation led to the retention of heavy elements in the planets and a metal-poor star: for 16 Cyg and XO-2 the star with a planet or more planets is also metal-poor. For ζ Ret, the metalpoor star is the one with a debris disk. Quantitatively, the differences in [Fe/H] for 16 Cyg and XO-2 are two to three times larger than expected (see Table 3 ). This may be explained either by invoking a value of ξ slightly below 0.1, a value of X D closer to 20 ppm, or by increasing ∆M 0 over our fiducial value 150 M ⊕ (M /M )(Z/Z ) (see Sect. 2.1). Concerning the latter, we may note that some hot Jupiters appear to be extremely dense and require masses in heavy elements nearing or exceeding 100 M ⊕ (Guillot 2008; Moutou et al. 2013; Thorngren et al. 2016) . This may be a sign that planet formation was even more efficient than in the solar system. However, other cases in Table 4 seem inconsistent with our dilution scenario: HD 80606 is metal-rich but has a known massive eccentric giant planet whereas its binary HD 80607 is metalpoor and has no detected planet. HAT-P-4 A hosts a giant planet and is more metal-rich by 0.11 dex than HAT-P-4 B that does not (both are F stars with an effective temperature above 6000 K). Unfortunately, it is not possible to conclude one way or another at this point for several reasons: the number of objects for which this measurement is possible is small, we cannot exclude that a massive but far-away planetary system exists but was not detected and planet formation is probably extremely complex and stochastic. We also point out that the determination of differences in metallicity to this level of accuracy is still extremely challenging. For example, Takeda (2005) and Schuler et al. (2011a) reported no significant metallicity difference in the two components of 16 Cyg, contrary to Tucci Maia et al. (2014) and Ramírez et al. (2011) .
We also note that Oh et al. (2018) reported that the HD 240430/240429 system has a difference in [Fe/H] of 0.2 dex even though no planet has been detected in this system. They invoked a putative planet which would have been engulfed by the metalrich star, HD 240430. As we discussed, this seems unlikely, owing to the rapid mixing expected from fingering convection, but indeed we might be observing that particular system while the planet has not yet been completely ingested by its star.
It is therefore difficult at the moment to clearly attribute differences in the compositions of binary stars to planet formation. This cannot be excluded either.
Implications for λ Boo stars
The significant decrease of Z surf of high-mass stars has an important implication for λ Boo stars, which make up about 2% of A-type stars (Gray & Corbally 1998; Paunzen 2001) . They have lower abundances of Fe-peak (therefore refractory) elements by up to 2 dex but near-solar abundances of volatile elements.
It is hypothesized that the filtration of dust by planetary objects induces their anomalous compositions (e.g., Venn & Lambert 1990; Kama et al. 2015) . Figures 8a and 9b show that Atype ( > ∼ 1.4 M and > ∼ 7000 K) stars formed with a low-entropy (ξ < ∼ 0.1) accretion can have a significantly refractory-poor surface composition as a consequence of the dilution, supporting this hypothesis. This matches the observations; namely, the lower limit of T eff of the λ Boo stars is also ∼ 7000 K (Murphy & Paunzen 2017) .
Therefore planet formation around high-mass stars that have been formed with a low-entropy accretion (ξ < ∼ 0.1, which is rare) could be one potential origin of the peculiar composition of the λ Boo stars. This should be studied more quantitatively in future. We also note that this is not necessarily a unique solution; namely, there may exist multiple channels producing λ Boo stars (Murphy & Paunzen 2017) .
Planet formation and the solar composition anomaly
Finally, in this section, we discuss the solar composition anomaly problem, which has recently been discussed both theoretically (Chambers 2010; Baraffe & Chabrier 2010 ) and obser- (2014); (2) vationally (e.g., Meléndez et al. 2009; Ramírez et al. 2009; Gonzalez et al. 2010; González Hernández et al. 2010 Schuler et al. 2011b; Adibekyan et al. 2014 Adibekyan et al. , 2016 Önehag et al. 2014; Nissen 2015; Spina et al. 2016) . We revisit this problem focusing on the consequences of planet formation with up-to-date pre-MS evolution models.
Background
Meléndez et al. (2009) obtained precise surface compositions of the Sun and 11 solar twins, stars almost identical to the Sun. They found that the solar surface composition is indeed different from most solar twins: the Sun is depleted in refractory elements by up to ≈ 0.08 dex (20%) compared to the average of the solar twins. Ramírez et al. (2009) confirmed this finding with 22 additional solar twins and found ∼ 15% of them to also have a Sun-like, refractory-poor composition. Chambers (2010) showed that adding 4 M ⊕ rocks to the solar surface compensates for the solar composition anomaly, that is, the solar surface composition becomes similar to the average of the solar twins. Interestingly, the mass of the primordial asteroid belt was ∼ 2 M ⊕ (see Sect. 2.1) and hence the total mass of the rocky materials in the early inner solar system was 4 M ⊕ rocks, which meets the requirement.
However, Chambers (2010) used the internal structure of the present-day Sun, whose CZ is much thinner than that of a 1 M pre-MS star (see Sect. 3.6). As described in Sect. 1, the stellar internal structure is crucial in the dilution scenario. Since the dilution mechanism should occur only during the pre-MS phase, we revisit their hypothesis on the solar composition anomaly using our evolutionary models of pre-MS 1 M stars.
Evaluation of the rock mass required to explain the solar composition anomaly
Using the internal structure evolutions in Sect. 3.6, we evaluate the mass of rocks, M rock,req , required to create the compositional differences between the Sun and solar-twins. We do not attempt to match the precise composition of the Sun. Instead, we treat H, C, N and O as "ices" and refractory material (with higher condensation temperatures) as "rocks" following Lodders (2003) . Chambers (2010) found, using a MS solar model (M CZ = 0.025 M ), that the required rock mass is 4 M ⊕ . Because we account for stellar evolution, we must scale this value as a function of M eff CZ (t p ), an effective convective zone mass that depends on the time at which heavy elements start being retained in the disk:
We derive M eff CZ (t p ) as follows. We use our simple accretion model (Sect. 3.7 and Fig. 7 ), but consider that after an initial phase with Z acc (t < t p ) = Z ini , planet formation suppresses the accretion of heavy elements so that Z acc (t ≥ t p ) < Z ini . We use our approximate solution to calculate Z surf as a function of Z ini and t p . We then derive M eff CZ (t p ) as the CZ mass of a static model for which the accretion of a mass ∆M 0 (= M disk at t = t p ) with metallicity Z acc (t ≥ t p ) would give the same surface composition:
which results from Eq. (3). Figure 10 illustrates the M eff CZ (t p ) derived with ξ = 0.5, 0.1 and 0 and Z acc (t ≥ t p ) = 0. As described in Sect. 3.6, younger stars formed with a larger ξ value have a larger M eff CZ . We note that we also derived M eff CZ with a non-zero Z acc but it does not depend on the assumed Z acc . Because M eff CZ (t p ) is an average of M CZ (t) on the time period from t p to the end of accretion (10 Myr), M eff CZ (10 Myr) = M CZ (10 Myr). Using the derived M eff CZ , we obtain M rock,req , which range between 16 and 130 M ⊕ , depending on ξ and t p (see Table 5 ). In Table 5 the minimum value of t p is 0.3 Myr, whereas the maximum values, t p,max , correspond to the case where after t p,max all Article number, page 11 of 18 A&A proofs: manuscript no. kunitomoetal2018arxiv rocks in the disk are retained in planetesimals/planets and no rocky material accretes onto the star (see discussion in Sect. 5.3). The M rock,req value increases with ξ. We note that, with ξ being fixed, the smallest values of M eff CZ and M rock,req are obtained for t p = t p,max .
We emphasize that, even with the extreme case (ξ = 0), at least 16 M ⊕ rocks are needed to explain the solar anomaly problem. The M rock,req values are much larger than 4 M ⊕ , that is, the requirement of Chambers (2010) . Moreover, they exceed the possible upper limit of the total rock mass in the early inner solar system, ∼ 4 M ⊕ (see Sect. 2.1). Therefore we conclude that the formation of terrestrial planets and asteroid belt alone cannot explain the solar composition anomaly.
Ice-to-rock ratio of the solar-system planets
Inside of the snow line, we may find at most 4 M ⊕ of rocks. However, beyond that line, much more solids are retained in planets as a mixture of ices and rocks. As described in Sect. 2.1, we estimate that the total condensates retained in the planetary objects, M Z,p , is ∼ 150 M ⊕ , which exceeds the maximum value of M rock,req , 134 M ⊕ . Explaining the solar composition anomaly through the accretion of planets is therefore possible but requires that condensates retained in the disk have a rock-rich composition even beyond the snow line. In this subsection we pursue this possibility and constrain f ice/rock , the bulk ice-to-rock ratio in the solar-system planets required to account for the observed solar composition anomaly, which is testable with observations. We must therefore consider that after planetesimals and planets start forming (t ≥ t p ), rocks are retained more efficiently than ices. Within this scenario, the protosun would still be accreting vaporized ices and a significantly reduced amount of rocks. Given that M eff CZ M Z,p , we consider that the primordial ice-torock ratio (i.e., that in the primordial molecular cloud core that formed the Sun) is the same as the protosolar ice-to-rock ratio derived from both the evolutionary models of settling and the current measurements of the solar photosphere and meteorites (see Lodders 2003) 3 .
3 The dilution effect implies that the primordial composition of the molecular cloud core differs slightly from the protosolar composition Let us derive M rock,tot , the total amount of rocks retained in planets or ejected from the solar system. In order to explain the solar composition anomaly, the total condensate mass, M Z,p , must consist of M rock,req of pure rocks and M Z,p − M rock,req of a mixture of ices and rocks with a protosolar composition. The latter does not induce an extra compositional anomaly. According to Lodders (2003) , the ice-to-rock ratio of the solar-system composition is f ice/rock, = 2.04 (i.e., 32.9% are rocks and 67.1% ices in mass among condensates), and a primordial rock-to-gas mass ratio, Z rock,ini , is 0.489%. We therefore derive
Table 5 provides the range of values of M rock,tot compatible with the solar composition anomaly, assuming M Z,p = 150 M ⊕ , for different ξ values and for t p ranging from 0.3 Myr to t p,max . We recall that for t p = t p,max all rocks in the disk (M disk,rock ≡ M disk Z rock,ini in mass) are completely retained in planetesimals and planets and no rocky material is accreted by the central star (after t p ). For t p > t p,max , we need M rock,tot > M disk,rock , which is impossible. Conversely, lower t p values (< t p,max ) are plausible. They correspond to a partial retention of rocks into planets when t > t p . In this case, contrary to the approach in Sect. 4, we do not hold ∆M 0 fixed but allow it to vary.
The values of t p,max decrease for increasing ξ. As described in Sect. 5.2, stars formed with a larger ξ have a thicker CZ, which requires the accretion of a larger amount of rock (metal)-free gas to be diluted. Therefore, more rocks should be retained in planets or planetesimals, namely, a larger M rock,tot is required. For this, since the disk rock mass M disk,rock decreases with time, planet formation starts at progressively younger ages. For values of ξ allowed by Paper I, we obtain that t p,max = 1.10 − 1.22 Myr, that is, efficient retention of rocks by the planet formation process must begin no later than 1.22 Myr after the beginning of the formation of the protosun.
The smallest values of M rock,tot are obtained for t p = t p,max . We thus obtain that the amount of rocks in planets for ξ = 0.1-0.5 is M rock,tot = 90-134 M ⊕ (60-75 M ⊕ when considering ξ = 0). The remainder (i.e., M Z,p − M rock,tot ) is made of ices (M ice = 16-60 M ⊕ for ξ = 0.1-0.5 -or up to 90 M ⊕ for ξ = 0). From these, we obtain the bulk ice-to-rock ratios in both the solar-system planets and ejected objects, f ice/rock ≡ M ice /M rock , to explain the solar compositional anomaly. (We assume that the ejected planets and planetesimals have on average the same composition as the remaining ones.) Figure 11 shows how f ice/rock varies as a function of t p . The crosses illustrate the solutions for t p = t p,max . The rock-to-gas ratio of the accreted matter is
inferred from observations and models (Lodders 2003) . This difference is globally of the order of 5% (see Fig. 7 ) but could be larger (∼ 10%) for refractory elements. Although not insignificant, this is much smaller than the uncertainties considered in this work. f ice/rock = 2.0 in the solar-system composition Fig. 11 . Ice-to-rock ratios in solar-system planets required to explain the solar compositional anomaly as a function of t p , the time at which efficient planet formation starts and suppresses the accretion of rocks (metals) onto the star. The lines correspond to different values of the heat accretion parameter ξ = 0.5, 0.1 and 0, from top to bottom. Percentage figures (0 to 60%) indicate the fraction of rocks still in the accreting flow of the protosun for t ≥ t p (100% corresponds to a rock-mass fraction equal to the protosolar value, 0.00489). The calculations assume
Z rock,acc /Z rock,ini therefore corresponds to the fraction of rocks still present in the accretion flow. Symbols in Fig. 11 pinpoint the fraction, Z rock,acc /Z rock,ini , ranging from 0 to 60% (ξ ≥ 0.1). Figure 11 shows that f ice/rock ≈ 0.1, 0.2 and 1.1 for ξ = 0.5, 0.1 and 0, respectively. The solutions are almost insensitive to t p . These values are lower than f ice/rock, = 2.04. This means that somehow planets should retain rocks efficiently.
Let us examine how different values of M Z,p affect the solutions. We consider two cases with M Z,p = 97 and 168 M ⊕ as a lower and upper limit in our solar system (Sect. 2.1). For M Z,p = 168 M ⊕ , the solutions are M rock = 139, 128, 76.7 M ⊕ and f ice/rock = 0.21, 0.39, 1.19 for ξ = 0.5, 0.1 and 0, respectively. With M Z,p = 97 M ⊕ , M rock = 50.9 M ⊕ and f ice/rock = 0.91 for ξ = 0 and there is no solution for ξ ≥ 0.1. Therefore, together with our results in Paper I, there is no realistic solution in the latter case. In all cases, explaining the solar composition anomaly with planet formation requires that the solar-system planets have globally an ice-to-rock ratio that is significantly below the solar value.
Discussion
The solar ice-to-rock ratio, 2.04, is much larger than the values that we obtain to explain the solar composition anomaly with planet formation (e.g., 0.23 if M Z,p = 150 M ⊕ and ξ = 0.1). However, we stress that the global ice-to-rock ratio in planets of the solar system has been inferred from the solar value, but not obtained independently. Its value in the giant planets, which are by far the largest contributors, is unknown (e.g., Guillot 2005) . Furthermore, several objects in the solar system have values much lower than the solar one: for example it has been inferred to be 0.64 in Enceladus (Porco et al. 2006 ) (about 61% of the mass of Enceladus is rocks) and 0.53 in Pluto (McKinnon et al. 2017) . In comet 67P/Churyumov-Gerasimenko, in situ measurements found a gas-to-dust ratio (a proxy for the ice-to-rock ratio) of 0.17 to 0.5 (Rotundi et al. 2015) . It is possible that the giant planets were formed mostly from ice-poor planetesimals inside of the snow line and that the overall ice-to-rock ratio in planets is therefore much smaller than that in the Sun (Ida & Guillot 2016) . Of course, alternative explanations of the origin of the solar composition anomaly, such as a migration of the Sun in the Galaxy, exist (see Adibekyan et al. 2017 , and references therein).
Conclusions
In this article, we explored the consequences of planet formation on stellar surface compositions. We examined two opposite effects: the dilution effect due to the low-metallicity of the gas accreted in the last stages of stellar accretion, and the pollution from planetesimals and planets possibly accreted by the central star. In order to quantify these effects, the key ingredients are the thickness of the stellar surface convective zone (CZ) and its evolution in time, the amount of heavy elements retained by the planet formation process, and the amount and time of the accretion of planetesimals and planets.
First, following Paper I, we analyzed the evolution of stellar interiors on the pre-MS, as controlled by three parameters: the efficiency with which heat is injected from the accreting flow to the star, ξ, the mass fraction of deuterium, X D , and the stellar mass, M final . The evolution of the CZ can be subdivided in four phases:
(1) Initially the convective-radiative structure depends on how accretion energy is distributed within the star and can be highly variable. (2) Efficient deuterium burning starts and ensures that the interior becomes largely convective. (3) The CZ retreats and a central radiative zone grows essentially due to the progressive increase in temperature and subsequent decrease in opacity of the interior. (4) The star reaches the MS, at which point the properties of the CZ become almost time-independent.
These four phases are reached at different ages. For likely values of the heat injection parameter (ξ ∼ > 0.1 -see Paper I), we found that Phase 1 lasts ∼ 0.1 Myr, that is, when the star is less than half of its final mass. Phase 2 lasts for about 1 Myr for solarmass stars, but 10 Myr for a 0.5 M star, and is inexistent for a 1.5 M star. Similarly, the end of Phase 3 depends on stellar mass, from about 100 Myr for a 0.5 M star, 30 Myr for a 1.0 M star, and 10 Myr for a 1.5 M star. For ξ ∼ > 0.1 we found that after Phase 1, the CZ evolution is relatively close to that of classical (non-accreting) evolution tracks, with a slightly faster evolution towards the MS for lower values of ξ and of X D . By causing changes in the composition of accreted material, planet formation will affect stellar composition but the relatively slow retreat of the stellar CZ during the first million years means that the effect will generally be small. It should be maximal for high-mass stars (smaller CZ) and for stars hosting giant planets (requiring large amounts of solids from the early stages of protoplanetary disk evolution).
Next, we estimated that in the solar system, between 97 and 168 M ⊕ of condensates formed planets or were ejected from the system. We hence adopted as a fiducial scenario the accretion of 0.03 M final of zero-metallicity gas in the last stages of the evolution of the circumstellar disk (dilution scenario). This is expected to be an uncertain but reasonable limit for a star with several giant planets like our Sun. Conversely, stars without planets would not show a significant metallicity change.
Another mechanism, that is, planet or planetesimal engulfment during the MS phase, can increase stellar metallicity. However, this is expected to be quickly erased by thermohaline convection on a 10-to 100-Myr timescale (Théado & Vauclair 2012) . We estimate that a significant (∼ 0.1 dex) increase in metallicity due to pollution by planet and planetesimal engulfment should be limited to massive stars with effective temperatures above ∼ 6500 K.
With this fiducial setting (i.e., ∆M 0 = 0.03 M final , ξ = 0.1 and X D = 28 ppm), we found that the dilution scenario results in a decrease of [Fe/H] by up to 0.6 dex for ∼ 7000 K stars dropping to less than 0.05 dex at 6500 K and less than 0.02 dex at 5500 K. Given the variability of planet formation and the relative scarcity of systems with giant planets, we estimate that this is representative of the scatter in stellar composition that should be imprinted by planet formation. This scatter is smaller and has a different T eff dependence than that measured in the Hyades cluster (Takeda et al. 2013) , indicating either that systematic effects bias the abundance retrievals, that observational uncertainties are still too large, or that other processes such as stellar diffusion play a larger role.
We examined how dilution can be used to interpret the differences in composition observed in some binary systems with planets or signs of planet formation: several systems with planets have stellar components differing in metallicity by 0.01 to 0.06 dex, values which are within a factor of approximately two of those estimated on the basis of planets in the solar system (i.e., ∆M 0 = 0.03 M final ; see Fig. 9 and Table 3 ). Given the ambiguities of the findings, the small number of cases and the complexity and variability of planet formation itself, it is however too early to draw any conclusion at this point, except that it is a promising area of research.
Other important objects are λ Boo stars, a small fraction (∼ 2%) of A-type stars with effective temperatures above 7000 K with a significant depletion of up to 2 dex in refractory elements but solar compositions in volatile elements. For such temperatures, the CZ has shrunk rapidly enough to see very large changes in stellar composition due to planet formation, assuming relatively low values of ξ ∼ 0.1 (see Fig. 9 and Table 3 ). This however requires another ingredient, namely that planet formation preferentially favors the retention of refractory elements over volatile ones. Indeed, observations of accreting Herbig stars indicate that in systems which we expect to host giant planets, the accreting gas is depleted in refractory elements by 0.5 dex, while the volatile elements show normal abundances (Kama et al. 2015) . Planetesimal formation inside of the ice line can lead to efficient retention of refractory elements and the loss of ices (Ida & Guillot 2016) .
Finally, we looked for an explanation of the fact that our Sun is poor in refractory elements compared to the average solar twin Ramírez et al. 2009; Spina et al. 2016) . The traditional explanation is that this deficit is created by the formation of the terrestrial planets and the proto-asteroid belt (Chambers 2010) . We showed however that this explanation is incompatible with the pre-MS evolution of the Sun and the fact that, early on, its surface CZ was much larger than it is now. Instead, the solar composition anomaly may be linked to the dilution mechanism proposed here. The early formation of a protoJupiter is known to have prevented the Sun from accreting material from the outer disk. If this material had a lower-than-solar ice to rock ratio, this would have led to a depletion of refractory elements in the gas accreted by the Sun in its last stage of formation. In order for this scenario to work, we found that the global ice-to-rock ratio of planets should be less than ≈ 0.4 and efficient planetesimal formation should have begun at most about 1 Myr after the beginning of the formation of a proto-Sun (i.e., a second Larson's core). These values are much smaller than the protosolar ice-to-rock ratio of 2.04 (Lodders 2003) implying that planets in the solar system should be extremely rock-rich. This is not impossible (see Ida & Guillot 2016) especially given that the giant planets, whose ice-to-rock ratio is unknown, contain most of the planetary mass of heavy elements. The scenario is similar, at least qualitatively, to the one needed to explain the composition of λ Boo stars.
Planet formation thus affects stellar compositions in a subtle and complex way. We predict that, in general, the dominant effect should be a slight decrease of the metallicity of stellar outer convective zones compared to that of their deeper interior and to the primordial value. Observations of compositional differences in some binary stars, the composition anomalies of λ Boo stars, and perhaps of our own Sun do point in that direction, with multiple exceptions however. In order to make progress, we therefore need very accurate measurements of the compositions of stars in clusters and those of binary stars and limits on the presence of planetary companions around them. We have shown that the solar composition anomaly can be explained only if planets in the solar system are extremely ice-poor. Testing this hypothesis requires much better constraints on the composition of giant planets, something Juno has started doing for Jupiter (see Helled & Lunine 2014; Bolton et al. 2017; Guillot et al. 2018 ) but is eagerly awaited for the other planets, in particular Uranus and Neptune.
Appendix A: Underlying physics of internal structure evolution
In this appendix, we describe the underlying physics of the pre-MS evolution of stellar internal structure, as governed by their entropy profile, opacity, and mixing of freshly accreted deuterium. Our goal is to explain the evolution of the convective and radiative zones shown in Fig. 4 . For a homogeneous composition, the convective stability criterion (i.e., Schwarzschild criterion, ∇ rad < ∇ ad ) is expressed as a condition on the Rosseland opacity, κ R (see, e.g., Kippenhahn & Weigert 1990 ): where L is the luminosity, T the temperature, P the pressure, σ SB the Stefan-Boltzmann constant, G the gravitational constant, M r the mass coordinate, and ∇ rad and ∇ ad the radiative and adiabatic temperature gradient (∇ = d ln T/d ln P), respectively. We note that ∇ ad = 0.4 for the monoatomic perfect gas. Figure A .1 shows that this critical opacity, κ crit , remains relatively constant around ≈ 10 cm 2 g −1 in time and for different ξ values (i.e., the points in Fig. A.1 have the almost same value). The evolution of the opacity in the stellar interior thus plays a crucial role in the growth of the radiative zone. The radiative zone appears when the opacity at the center falls below that critical value. This occurs when the central temperature reaches ≈ 2-4 × 10 6 K (Chabrier & Baraffe 1997 ).
Convective stability is also governed by deuterium burning during the protostellar phase because it maintains a high luminosity throughout the interior. However, since pre-existing deuterium is quickly depleted, the supply of fresh deuterium by the accreting flow is most important. This fresh deuterium is delivered down into the stellar interior by convective turbulent mixing. After a radiative core emerges, the fresh deuterium is no longer delivered to the star's central region but is burned at the base of the CZ (forming the so-called radiative barrier, see Palla & Stahler 1993) .
The importance of deuterium burning is demonstrated in Fig. A.2 , which shows pre-MS evolutions obtained with a diffusion coefficient of convective mixing, D mix . Here we artificially increase or decrease D mix over that predicted from mixing length theory by a factor of 100. Figure A. 2 shows that the value κ crit ∼ 10 cm 2 /g at which the central radiative zone appears is not universal but can be affected by mixing processes in protostars. When diffusion in the convective zone is slower, less deuterium is brought to the central region, the central luminosity is smaller, κ crit is larger, and therefore the radiative zone appears more rapidly. The opposite is true for a larger diffusion coefficient. The results clearly indicate that the development of a radiative core is controlled by not only the opacity but also the deuterium burning.
Let us now turn to Fig. 4 . We explain three noteworthy features seen in the different panels: (i) a rapid development of a radiative core for low ξ values, (ii) an expansion of the surface CZ in the ξ = 0 case at around 10 6 yr, and (iii) in the m ke = 0.1 case, a central region which is always radiative.
First and most importantly, Fig. 4 illustrates that the internal structure evolutions strongly depend on ξ: stars with a lower ξ value develop a radiative core more rapidly. This can be understood as follows. Such stars have a smaller radius (see Paper I). From the virial theorem, this corresponds to a higher internal temperature. This results in a lower opacity (cf. Kramers' law; κ ∝ T −3.5 ). Therefore stars formed with lower ξ values develop a radiative core more rapidly.
Let us explain (ii), namely the temporary expansion of the surface CZ in the ξ = 0 case at around 1 Myr. Since the stellar interior becomes hot and less opaque at this moment, a large amount of entropy is carried toward the surface region (so-called luminosity wave, Stahler et al. 1986 ). However the surface region is still opaque. Therefore the entropy accumulates at the base of CZ and then the surface CZ expands for a while (see also Finally, let us explain why the non-uniform heat injection model with m ke = 0.1 is characterized with a center that is always radiative (see Fig. 4d ). This case corresponds to an accretion heat that is deposited entirely in an outer, narrow region. The specific entropy gradient is therefore locally positive during the protostellar phase. Consequently, the temperature maximum is located slightly off-center and therefore deuterium burning also starts away from the center. As a result, the central region always remains radiative. This means that the primordial compo- sition may be preserved in the central region and may differ from that in the rest of the star. This may be testable by asteroseismic observations.
